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Fig. 2.2. The vertical structure of geometrically thin disks is set by a balance
between the vertical component of the star’s gravity gz and a pressure gradient.

potential.2 Second, the vertical thickness of the disk h is invariably a small fraction

of the orbital radius. This follows from the fact that a disk has a large surface

area and can cool via radiative losses rather efficiently. Efficient cooling implies

relatively low disk temperatures and pressures, which are unable to support the gas

against gravity except in a geometrically thin disk configuration with h/r ≪ 1.

The structure of a geometrically thin protoplanetary disk follows from consid-

ering the vertical force balance at height z above the mid-plane in a disk orbiting

at cylindrical radius r around a star of mass M∗. The vertical component of the

gravitational acceleration (Fig. 2.2),

gz = g sin θ =
GM∗

(r2 + z2)

z

(r2 + z2)1/2
, (2.5)

must balance the acceleration due to the vertical pressure gradient in the gas

(1/ρ)(dP/dz). If we assume that the disk is vertically isothermal (a reasonable

first guess if the temperature of the gas is set by stellar irradiation) and write the

pressure as P = ρc2
s , with cs being the sound speed, we have

c2
s

dρ

dz
= −

GM∗z

(r2 + z2)3/2
ρ . (2.6)

The solution is

ρ = C exp

[

GM∗

c2
s (r2 + z2)1/2

]

, (2.7)

where the constant of integration C is set by the mid-plane density. This expression

is rarely used. Rather, we note that for a thin disk z ≪ r and gz ≃ #2z, where

# =
√

GM∗/r3 is the Keplerian angular velocity. In this limit the vertical density

profile has the simple form

ρ = ρ0e−z2/2h2

, (2.8)

2 More massive disks are sometimes described as protostellar rather than protoplanetary disks, but there is no
consistent usage of these terms in the literature.
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Equilibrio hidrostático

La densidad varía 
verticalmente como una 
gaussiana en z.
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Magnitude and Different Processes
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Formación de planetas
3 etapas (a grandes rasgos)

1. Proceso de coagulación, donde la 
fuerza dominante es la fricción con el 
gas. Acá es donde se forman los 
planetesimales (~100 m - 100 km). 


2. Proceso de acreción, donde la 
dominan fuerzas gravitatorias, se 
forman planetas terrestres y núcleos de 
planetas gigantes por acreción de 
planetesimales y pebbles. 


3. Formación de planetas gigantes y 
migración. Una vez que los núcleos se 
vuelven lo suficientemente masivos 
(~10 M_earth), capturan gas del disco. 



Formación de planetesimales
Roce aerodinámico!

• Suponemos la siguiente 
situación: tenemos una estrella 
central y un disco de gas y polvo 
orbitando a su alrededor 


• El gas tiene presión y por ende 
no orbita de forma 
perfectamente Kepleriana. 

v2
ϕ

r
=

GM⋆r
(r2 + z2)3/2

+
1
ρ

dP
dr

Gradiente 
de presión

vgas
ϕ ≈ 98 % vKep



Tres regímenes
1. Partículas muy pequeñas


2. Partículas pequeñas


3. Planetesimales

Fricción de Epstein


Fricción de Stokes

s < λmfp

s > λmfp



Regimen 1 
Fricción de Epstein

• Las partículas están bien 
acopladas al gas. El fluido (gas + 
polvo) se comporta como un gas 
sin colisiones con una 
distribución de velocidades 
Maxwelliana.  


• Importante para interpretar 
observaciones en infrarrojo 
cercano por ejemplo.

s < λmfp



Colisiones
Crecimiento fractal

• Cuándo las partículas son muy 
pequeñas y acopladas al gas, el 
movimiento browniano domina 
las colisiones. 


• Hay diferencias de velocidad 
pequeñas entre las partículas. El 
crecimiento funciona como un 
“hit-and-stick” y se forman 
agregados fractales. 

ANRV352-AA46-02 ARI 25 July 2008 6:37

Figure 3
The principles of
fractal growth.
Hit-and-stick
collisions lead to
fractal dust
agglomerates and,
thus, to a narrow size
distribution (see
Blum 2006 for
details).

Miscellaneous: Laboratory experiments, microgravity experiments in drop tower, numer-
ical studies
Application to PPDs: Sedimentation phase

The experiments A1 have shown that low-energy hit-and-stick collisions lead to fractal dust
aggregates (see Figures 2 and 3). However, the situation in PPDs is such that the collision velocities
between fractal dust aggregates are only slowly increasing with aggregate mass, owing to a rather
unaffected surface-to-mass ratio of dust aggregates with D < 2. Whereas the collision velocities
are rather constant, the collision energy increases with increasing aggregate mass. Hit-and-stick
collisions require a strong resistance of the grains against rolling or sliding in off-center collisions.
Applied to collisions between fractal dust aggregates, Dominik & Tielens (1997) developed a
molecular-dynamics code and predicted a threshold energy of

Eim = 5Eroll, (7)

above which collisions of (small) fractal dust aggregates lead to compaction (Figure 4). Wada
et al. (2007) used a similar approach and found for much larger fractal aggregates that compaction
already starts at

0.1Eroll ≤ Eim ≤ 1Eroll . (8)

Here, Eim and Eroll are the collision energy of the fractal dust aggregates and the rolling-friction
energy of the monomer grains. The latter is the energy dissipated when two spherical dust grains
roll over a quarter of their circumference (Dominik & Tielens 1997). Maximum compaction of
the colliding dust aggregates is achieved when the impact energy is

Eim = nk Eroll; (9)

nk is the number of contacts in the aggregates (Dominik & Tielens 1997, Wada et al. 2007). For
fractal aggregates, the number of contacts in an aggregate equals the number of monomers, owing
to the quasi-monodisperse growth nature of those aggregates (see Figure 3). Although the sticking
probability in such collisions is still unity, the forming dust aggregates are compacted and lose their
fractal morphologies. Blum & Wurm (2000) performed microgravity impact experiments with
fractal (D ∼ 1.9) dust aggregates and observed—in agreement with the predictions by Dominik
& Tielens (1997) and Wada et al. (2007)—a hit-and-stick behavior for very low impact velocities.
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Colisiones
Crecimiento fractal

• Cuándo las partículas son muy 
pequeñas y acopladas al gas, el 
movimiento browniano domina 
las colisiones. 


• Hay diferencias de velocidad 
pequeñas entre las partículas. El 
crecimiento funciona como un 
“hit-and-stick” y se forman 
agregados fractales. 

Simulations by Alexander Seizinger



Regimen 2 
Fricción de Stokes

• Las partículas no están del todo 
acopladas al gas. Se mueven con , 
por lo que irán más rápido que el gas 
(que se frena por la componente de 
presión). 


• El que el polvo y el gas tengan 
velocidades distintas hace que el polvo 
experimente un roce aerodinámico.


• Ese roce hace que las partículas 
migren hacia adentro, decayendo 
orbitalmente como una espiral a la 
estrella

vKep

s > λmfp

Importante: partículas de diferentes tamaños tienen 
diferentes velocidades relativas, lo que induce a 
colisiones mutuas, favoreciendo la coagulación.



Experimentos
En laboratorio

• Se necesita microgravedad

Team Blum et al.  



Regimen 3 

• Cuando la partículas alcanzan un 
tamaño del orden de un 
planetesimal.


• Las fuerzas de roce con el gas y 
la aceleración causada por la 
fricción dejan de ser relevantes.



Dust settling
(Asentamiento)

• La fricción aerodinámica es 
importante para entender 
ambas, la distribución vertical y 
el movimiento radial del material 
sólido dentro del disco. 


•

Villenave et al. 2020



Meter-sized barrier  =
Bouncing 
Fragmentation 
Drift



Bouncing 
Fragmentation 
Drift

Blum & Wurm 2008

Solutions:

Porosity / fluffineess

ANRV352-AA46-02 ARI 25 July 2008 6:37

Projectile 1 Projectile 2

Figure 5
Bouncing of two irregular-shaped, nonfractal, but highly porous dust aggregates (φ = 0.15) at a relative velocity of ∼0.4 m s−1

(see Section 5.3). The images were taken with a high-speed camera in a microgravity experiment onboard a parabolic-flight aircraft.
The field of view is 24 × 20 mm2. Figure by D. Heißelmann, H. Fraser & J. Blum (unpublished data).

D. Heißelmann, H. Fraser & J. Blum (unpublished data) show. Both experimental investiga-
tions studied collisions among millimeter-sized dust aggregates under vacuum and weightlessness
conditions, Blum & Münch (1993) in the laboratory and D. Heißelmann, H. Fraser & J. Blum
(unpublished data) onboard a parabolic aircraft. The collision velocities were in the range of 0.15–
3.9 m s−1. Regardless of the packing density of the dust agglomerates, i.e., whether the colliding
dust aggregates were highly porous (D. Heißelmann, H. Fraser & J. Blum, unpublished data) or
rather compacted (Blum & Münch 1993), collisions between pairs of millimeter-sized nonfractal
dust aggregates never led to sticking (Figure 5). The reason for the altered sticking behavior of
macroscopic nonfractal dust aggregates lies in the fact that the contact area between two equal-
sized spherical bodies is rather small (compared to the case in which a spherical dust aggregate
impacts a flat dusty target; see Section 5.7). Following the closest approach in a collision, the two
spherical bodies start to separate. The above-mentioned experiments have shown that for central
collisions the typical kinetic energy after a collision is ∼5% of the kinetic energy before the first
contact. Thus, the adhesion forces across the contact area must be sufficiently strong to result in the
sticking of the two dust aggregates in the rebound phase of the collision. However, the small con-
tact area and the measured low tensile strengths of the dust aggregates of ∼102–104 Pa (Blum et al.
2006a) prevent similar-sized dust aggregates above a size of ∼1 mm from sticking in the collision.

From these experiments, we learn that the previous growth channel for protoplanetary dust, in
which (almost) equal-sized aggregates collide and stick, is no longer available under protoplanetary
conditions. Although the experiments by Blum & Münch (1993) and D. Heißelmann, H. Fraser &
J. Blum (unpublished data) gave no indication for mass transfer between or compaction of the dust
aggregates in single collisions, the aggregates can be considerably altered by a multitude of impacts.
C. Güttler & J. Blum (unpublished data), who observed the evolution of initially cubic-shaped
high-porosity dust aggregates on a 50-µm metal mesh and a solid glass plate due to multiple
bouncing with velocities of !1 ms−1, used X-ray tomography to study the internal compaction
of the bodies. They found that after ∼1000 collisions, the millimeter-sized dust aggregates had a
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Bouncing 
Fragmentation 
Drift

Simulations by Alexander Seizinger

Solutions:

Velocity distributions  
Collisions between different sizes  
(lucky particles)
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Drift
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FIG. 21 Illustration of how local pressure maxima within a
disk could concentrate solid bodies, forming a ring in this ide-
alized axisymmetric example. Local pressure maxima might
arise as a consequence of turbulence within the disk.

in the more general case where the solid and gas phases
can have comparable densities.

As we noted earlier, the fact that most of the heavy
elements in the Solar System are found in the Sun means
that we can tolerate some loss of planetary raw mate-
rial during planet formation. However, radial drift time
scales as short as 100 yr would clearly lead to a catas-
trophic loss of mass into the star unless, in fact, growth
through the meter-scale size regime is very fast. The
most important conclusion from this analysis is, there-
fore, that planetesimal formation must be a rapid pro-
cess. This is a robust inference since it derives directly
from the unavoidable existence of a velocity di↵erential
between the gas disk and solid bodies orbiting within it.

The radial drift velocities given by equation (140) im-
ply significant radial migration over the lifetime of the
disk – not just for particles at the most vulnerable meter-
scale size range but also for substantially smaller and
larger bodies. This means that we should expect substan-
tial changes in the local ratio of solids to gas as a function
of time and radius in the disk (Takeuchi, Clarke & Lin,
2005). Under some circumstances, radial drift may allow
solids to pileup within the inner disk, potentially improv-
ing the chances of forming planetesimals there (Youdin
& Chiang, 2004).

Radial drift can be slowed or locally reversed if the gas
disk has a non-monotonic radial pressure profile. The
inward motion of solid bodies embedded within the disk
occurs as a consequence of a gas pressure gradient that
leads to sub-Keplerian gas orbital velocities. In general,
radial drift drives particles toward pressure maxima, so
in a disk where the mid-plane pressure declines smoothly
the motion is typically inward. If, on the other hand, it
were possible to create local pressure maxima these would
also act as sites where solids concentrate. This possibility
was recognized in a prescient paper by Whipple (1972),
whose Figure 1 is more or less reproduced here as Fig-
ure 21. If the perturbation to the pressure occurs on a

scale �r, then to obtain a maximum we require that the
local pressure gradient ⇠ P/�r exceed the global gradi-
ent ⇠ P/r. The time scale to concentrate solids locally
is then faster than the global inspiral time by a factor
⇠ (�r/r)2.
Several physical processes can create pressure max-

ima. Persistent local pressure maxima could form in a
disk at particular locations (for example, at the inner
edge of dead zones), while transient maxima could occur
due to the large-scale e↵ects of disk turbulence. Rice
et al. (2004) and Durisen et al. (2005) discussed how
self-gravitating turbulence might concentrate particles
within spiral arms or axisymmetric gas rings. Johansen,
Youdin & Klahr (2009b) showed that “zonal flows”—
axisymmetric local perturbations to the pressure that are
maintained by variations in v�—could form within MRI
turbulent disks. The edges of gaps carved by massive
planets are another obvious location where a pressure
maxima may be expected.

5. Planetesimal formation via coagulation

The growth of micron-sized dust particles up to small
macroscopic dimensions (of the order of a mm) is driven
by pairwise collisions that lead to sticking and particle
growth. (Simultaneously, high velocity impacts may lead
to fragmentation.) The most economical hypothesis for
planetesimal formation is that the same process contin-
ues uninterrupted up to the planetesimal size scale (for
an early calculation, see e.g. Weidenschilling, 1980). A
coagulation model for planetesimal formation, however,
faces two independent challenges. First, the material
properties of colliding bodies with a realistic velocity dis-
tribution must permit growth (rather than bouncing or
fragmentation) across the full range of sizes between dust
particles and planetesimals. Second, the rate of growth
must be high enough to form planetesimals before the
material is lost into the star via aerodynamic drift. These
constraints are not easily satisfied (or summarized), but
neither are they obviously insurmountable.
The outcome of collisions between micron to cm-sized

bodies can be studied experimentally, ideally under low-
pressure microgravity conditions. Good introductions to
the extensive literature on experimental results are given
by Blum & Wurm (2008), Güttler et al. (2010) and Testi
et al. (2014). The bulk of the experimental work has been
performed using silicate particles and aggregates, repre-
sentative of materials found interior to the snow line. The
most basic result is the critical velocity below which indi-
vidual grains stick together. For 1 µm silicate monomers
this velocity is about 1 m s�1 (Poppe, Blum & Henning,
2000). For similarly sized water ice monomers the veloc-
ity is approximately 10 m s�1 (Gundlach & Blum, 2015).
This order of magnitude di↵erence presages the likeli-
hood of di↵erences in particle growth outcomes interior
to and outside the water snow line.
Going beyond monomers, it is generally assumed that
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Bouncing 
Fragmentation 
Drift

Vortex / dust trap

Cycle 2 continuum observations of HD 142527

Figure 1: Multi-frequency continuum in HD 142527. a) RGB image of the multi-frequency con-
tinuum degraded to the resolution of band 4 (0.36600 ⇥ 0.29200 ), with band 4 in red, band 6 in
green, and band 7 in blue, all in a linear stretch. b: Band 4 continuum at 138 GHz, units are in
Jy beam�1 with a beam of (0.36600 ⇥ 0.29200 ). The contours are chosen at fractions of the peak
intensity of 0.5, 0.75 and 0.9. c: Band 6 continuum at 232 GHz (beam of 0.23900 ⇥ 0.17700 ), and
with contours as in Fig. 1b). d: Band 7 continuum at 277 GHz (beam of 0.20800 ⇥ 0.16900 , and
contours as in Fig. 1b).

The resulting map for ↵(~x) is shown in Fig. 2. Example spectra are shown in Fig. 3.
Pending:Compute same maps with CLEAN instead of Chi2 fits, as sanity check.

3 Multi-frequency grey-body diagnostics for dust grain physical conditions

The multi-frequency continuum data can be interpreted in terms of physical conditions for the
dust phase. Specifically, we can fit grey-body diagnostics to the data:

Im⌫ (~x) = B⌫(Ts(~x)) [1� exp(�⌧(~x))] ,

as a function of angular position ~x, where ⌧(~x) = ⌧�(~x) ⇥ (⌫/⌫�)�s(~x) is the optical depth, with
an opacity spectral index �(~x), and where Ts(~x) is the and line-of-sight temperature. The in-
ferred physical conditions are averaged along the line of sight. They do approximate fairly well
the physical conditions in the solid phase, average over all grain sizes, as shown by comparison
with radiative-transfer predictions in Casassus et al. (2015). The main source of bias is the finite
beamwidth.

These grey-body diagnostics are summarized in Fig. 4. We recover a very similar structure as
already inferred by Casassus et al. (2015) from a entirely independent dataset. Most interesting is
that that minimum in � is at 11.5 h, where we would assume to find the dust trap at the position
of the putative vortex core. Yet the corresponding optical depth map extends ahead of this posi-
tion, by a couple of hours. The double-peaked temperature structure is due to the shadow of the
tilted inner disk found by (Marino et al., 2015), and which is readily traced at higher frequencies
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HD142527 is actually a circumbinary disk, with an inner binary in a polar orbit (Price et al. 2018)
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close to the star (e.g., Liu et al. 2017). Alternatively, it may
indicate self-absorbed dust emission in the dense ∼au-scale
circumstellar region (Li et al. 2017).

We note that the fitted Gaussian position of this source is
offset by ∼7 mas to the south-southeast from the Gaia
Collaboration et al. (2018; the proper motion of the star has

Figure 1. Panels (a) and (b): ALMA 0.87mm continuum emission from MWC 758 with a beam size 43×39 mas (6.9×6.2 au; labeled at the lower left corner). North
is up and east is to the left. In panel (b), the structures are labeled: the green dotted contours are at the 3σnoise level; the two green solid contours are at half-peak intensity
at each clump; the solid, dotted, and dashed white arcs trace the inner, middle, and outer rings, respectively; and the inset is a 0 2 zoom of the central region (stellar
location marked by the green plus). Panel (c) shows an r2-scaled SPHERE Y-band (1 μm) polarized scattered-light image (Benisty et al. 2015; normalized unit). The
contours in panel (b) are overlaid, and the two green dashed lines trace the locus of the two spiral arms (labeled as Arm 1 and Arm 2; the two green curves are overlaid in
panel (d) as well). The astrometrical alignment between the SPHERE and ALMA images is done by aligning the location of the central star. The absolute stellar position in
the SPHERE image may be accurate to half the SPHERE pixel size (6 mas). Panel (d) shows the emission map with an aggressive color stretch to highlight ALMAArm1.
The red dashed curve is the locus of SPHERE Arm2 shifted away from the star by 0 05. The south part of SPHERE Arm1 is revealed at a slightly larger stellocentric
distance by ALMA. Arm2 cannot be clearly identified in the continuum emission. The FITs file for panel (a) is available as online supplemental material.

3

The Astrophysical Journal, 860:124 (14pp), 2018 June 20 Dong et al.

Azimuthal dust trap / RWI vortex
vo

rt
ex

dis

planet  
wakes

vortex wake

secondary 
vortex?

Pérez et al. 2018

Baruteau & Zhu (2016)


